
• Tail B-fields are aligned with the direction of the jellyfish tails


• Mixing is further suppressed by the B-fields aligned with flows
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Figure 4. Radio observables of JO206 at 2.7 GHz adapted from Müller et al. [23]: Left: Ha ionised gas image and magnetic field vectors in
green. The radio beam is shown in the left corner and the stellar disk convolved to the radio resolution is shown in blue contours. Top

right: Spectral index image between 2.7 GHz and 1.4 GHz and Halpha ionized gas contours. Bottom right: Fractional polarization and Ha

ionized gas contours.

In agreement with the findings for JW100 and JO206 the radio continuum in ram pressure
stripped galaxies is found to be co-located with Ha not only within the disk but also with the
extended, Ha emitting tails, namely JO204, JO194, JO175, and JO147 (Müller et al., in prep).

5. Theoretical view

Theoretical assumptions, simulations, and their comparison to observations of ram-
pressure stripped galaxies have provided several approaches to explain the enhanced radio
continuum in the galaxy disks and tails, the appearance of the different gaseous phases,
and the magnetic field strength and configuration. In the literature, there have been a few
simulations of ram-pressure stripped galaxies including magnetic fields over the last decade.
Tonnesen and Stone [47] find the stripping rate of the disk gas not to be significantly affected by
the galaxy magnetic field strength and morphology while Ramos-Martínez et al. [48] propose
a reduced compressibility of the magnetized plasma that makes the tail gas less clumpy and
filamentary-like in comparison to non-magnetized studies. Vollmer et al. [49] find asymmetric
polarized ridges that can be explained through adiabatic compression of galaxy magnetic
fields at the leading edge. In addition, galaxies are expected to sweep up the intracluster
magnetic field as they orbit inside a galaxy cluster and develop a magnetic draping sheath [50].
Such a sheath is lit up with cosmic rays originating from supernovae and generate coherent
polarized emission at the leading edges of the galaxy [51]. Importantly, Ruszkowski et al.
[52] propose that simulated galaxies interacting with a magnetized ICM show highly ordered
magnetic fields in the tails that suppress strong Kelvin-Helmholz instabilities at the interface
between the stripped gas and the ICM [53].

In Müller et al. [23] we have performed state-of-the-art simulations with the moving
mesh code AREPO [54–56] of a galaxy-sized, cold-dense spherical cloud that interacts with
a hot-diffuse ICM [see also 57] to model synchrotron characteristics. We adopt a scenario
in which the electrons are accelerated by supernovae into the galaxies’ disk and propagate
into the surrounding interstellar medium. While the medium experiences ram-pressure
stripping, the electrons are carried into the galaxies’ tail and cool by synchrotron emission

Müller+21

B-field in JO206

Hα+Radio (2.7GHz)

JO206, HST 
Gullieuszik+23
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MHD wind-cloud interaction simulations (Banda-Barragán+16)



• Impact of magnetic fields on fluids (1)


• Inducing magnetic pressure that stabilizes a cloud against gravitational collapse


➡lowering star formation efficiency (e.g., Federrath+12)


• Guiding the flows


• Suppressing instabilities that induce cloud fragmentation or generate turbulence



• Impact of magnetic fields on fluids (2)


• Magnetic tension can suppress the growth of Kelvin-Helmholtz instabilities
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Jellyfish Galaxies in Magnetic Fields Jaehyun Lee et al.

Figure 1. Gas density (left) and magnetic field strength
(right) projected in the face-on and edge-on directions at t =
100Myr at which winds start to influence the galaxies when
ICM winds are imposed. White arrows show the magnetic
fields and their length denotes the relative field strength in
a logarithmic scale.

Mstar,min = 914M�, following Rasera & Teyssier (2006).
In our simulations, we compute SFRs only in the cells
with nH > 100 cm�3. We confirm that stellar particles
mostly (⇠ 97.5%) form in gas cells with hydrogen num-
ber density nH & 300 cm�3 because star formation is
allowed in gravitationally self-bound clouds in our star
formation scheme.
Various stellar feedback mechanisms are taken into

considerations, i.e., photoionization, radiation pressure
exerted by photons at wavelengths ranging from Ly-
man continuum to IR (Rosdahl et al. 2013; Rosdahl
& Teyssier 2015), and Type II supernova (SN) explo-
sions (Kimm et al. 2015) in this study. We increase
the SN frequency by a factor of five above the canonical
value to provide strong support against the gravitational
collapse in the ISM. Note that such an increase is nec-
essary to reproduce the stellar mass growth rates and

Figure 2. Gas density-magnetic field strength relation of
the gB1 galaxy at t = 100Myr at which winds start to influ-
ence the galaxies. The gray shades display disk mass distri-
bution on the plane. The blue dotted lines show the most
probable maximum values of magnetic field strength of the
ISM in nH > 10 cm�3 (Crutcher et al. 2010).

the UV luminosity functions of galaxies at z � 6 (e.g.,
Rosdahl et al. 2018; Garel et al. 2021) or the mass frac-
tion of stars in Milky Way-like galaxies (Li et al. 2018).
We do not allow the metal enrichment from SNe to be
able to trace the origin of gas in a cloud. Interested
readers are referred to L20 for more details on radiation
hydrodynamics.

2.2. Initial Conditions

In this study, we adopt the initial condition of a gas-
rich dwarf galaxy employed in L22. The initial con-
dition is generated by Rosdahl et al. (2015) using the
MAKEDISK code (Springel 2005). The simulation box
has a side length of 300 kpc, covered by 2563 root grids
(i.e., level 8). The grids are refined until it reaches the
maximum refinement level of 14 which corresponds to
18 pc. The dwarf galaxy is placed at the center of a
dark matter halo with mass Mhalo = 1011 M� and ra-
dius Rvir = 89 kpc. The dwarf galaxy initially has the
stellar mass of M? = 2.1 ⇥ 109 M� and the HI mass of
MHI = 8.4⇥ 109 M�. The HI disk is set to have metal-
licity of ZISM = 0.75Z�, where Z� = 0.0134 (Asplund
et al. 2009). Stellar particles have a minimum initial
mass of 103 M�.
The galactic disk lies on the xy plane of the simulation

box. The magnetic field strength of Bx = 0.1µG (or

4

• Simulations


• Code: RAMSES-RT (Rosdahl+13, Rosdahl & Teyssier15)


+ H2 formation and dissociation processes (Katz+17; Kimm+17, 18)


• G9 (Rosdahl+15): Mhalo~1011M⊙, M★~3×109M⊙, MHI~2×109M⊙, MH2~4×108M⊙ (after 
relaxation)


• Resolution : Δx=18 pc, M★=103M⊙


• Disks initially have Bx=0μG (gB0) or 0.1μG (gB1)

Most probable 

maximum values of

empirical relation 

from Crutcher+10



• Simulations in a wind-tunnel


• Winds commonly have vICM=1,000km/s, nH=3×10-3cm-3, and 
T=3×107K


➡ adopted to mimic strong ram pressure near the cluster center


• Two winds have Bx=0μG (HD winds) and Bx=1μG (MHD winds)

No winds 
(control sample)

Pure hydro 
ICM

Magnetized  
ICM

Jellyfish Galaxies in Magnetic Fields Jaehyun Lee et al.

Table 1. Initial parameters of the simulations. The galaxy initially has M? = 2.1 ⇥ 109 M� and Mhalo = 1011 M�. The
simulations are set to have a spatial resolution up to dx = 18pc (level 14). From left to right, each column indicates the model
name, ICM density (nH, ICM), ICM velocity (vICM), ram pressure of the wind, initial magnetic field strength on disks (Bdisk),
and the magnetic field strength of winds (Bwind) of the simulation.

Model nH, ICM vICM Pram/kB Bdisk,0 Bwind

[ cm�3] [km s�1] [cm�3 K] [10�6G] [10�6G]

gB0 10�6 0 0 0 -

gB1 10�6 0 0 Bx = 0.1 -

gB0 wHD 3⇥ 10�3 103 5⇥ 105 0 0

gB1 wHD 3⇥ 10�3 103 5⇥ 105 Bx = 0.1 0

gB0 wMHD 3⇥ 10�3 103 5⇥ 105 0 Bx = 1

gB1 wMHD 3⇥ 10�3 103 5⇥ 105 Bx = 0.1 Bx = 1

0 if unmagnetized) is initially imposed on the gaseous
disk. The simulations for the two disks are dubbed the
gB0 and gB1 respectively. The galaxies enter a quasi
equilibrium state ⇠ 150Myr after the beginning of the
simulations. We define the epoch as t = 0.
Figure 1 shows the projected distribution of the hy-

drogen number density and the magnetic field strength
of the two galaxies with initial Bx = 0 (top, gB0) and
0.1µG (bottom, gB1) at t = 100 Myr. Figure 2 displays
the magnetic field strength as a function of hydrogen
number density of the gB1 galaxy. After the relaxation,
the disk gas mass of the gB1 galaxy is mostly distributed
in |B| ⇠ 1 � 10µG in nH > 10 cm�3, which reason-
ably agrees with the empirical relation of Crutcher et al.
(2010).

2.3. ICM Winds

We impose two di↵erent ICM winds on the galaxies
at t = 0. Motivated by the observations of nearby clus-
ters (e.g., Tormen et al. 2004; Hudson et al. 2010; Ur-
ban et al. 2017), the two winds commonly have v =
1, 000 km s�1, nH = 3 ⇥ 10�3 cm�3, T = 3 ⇥ 107 K,
ZICM = 0.3Z�, but the HD wind case (wHD) has no
magnetic fields, while the other is magnetized with Bx =
1µG (wMHD). The magnetic field strength adopted in this
study is a typical value in cluster environments (Gov-
oni & Feretti 2004; Vogt & Enßlin 2005; Bonafede et al.
2010). However we note that the magnetic field strength
can largely vary between clusters or depending on the
field topology of the magnetic field in a cluster (Carilli
& Taylor 2002; Kuchar & Enßlin 2011). The winds exert
the ram pressure of Pram/kB = 5 ⇥ 105 Kcm�3 on the
simulated galaxies, where kB is the Boltzmann constant,
which mimics the typical ram pressure that a galaxy may
experience in the cluster center (see Figure 10 of Jung
et al. 2018). As a control sample, we also evolve the
galaxies without winds, like isolated environments.
With an initial velocity of vICM = 1000 km s�1, the

wind front arrives at the galaxies at t ⇡ 135Myr, just

after the galaxy enters a quasi-equilibrium state. How-
ever, the winds begin to a↵ect the galaxies a little earlier
than the arrival time, because the winds move forward,
pushing the medium in front of them. All simulations
are terminated at t = 380Myr or 530Myr from the start
of the simulations. We define the galactic disk as the
components enclosed by the cylindrical volume of ra-
dius r = 12 kpc and height h = ±3 kpc from the galactic
mid-plane. The RPS tail is thus defined as structures
enclosed in a long cylinder of r = 12 kpc and h > 3 kpc.
The list of the six simulations carried out in this study
and their setup is shown in Table 1.

3. Impact of Ram Pressure on Disks

The ICM winds imposed in our simulations are de-
signed to mimic the strong ram pressure at the central
regions of massive clusters. As demonstrated in L22,
the strong ram pressure quickly strips the most ISM of a
gas-rich disk, eventually suppressing disk star formation
activities within 200 Myr. In this section, we examine
the impact of ram pressure on the gaseous disks and disk
star formation activities in the RMHD simulations.

3.1. Disk Stripping

Previous studies have suggested that gaseous disks
are less likely to be stripped if the ISM is magne-
tized (Tonnesen & Stone 2014; Ramos-Mart́ınez et al.
2018). Ruszkowski et al. (2014) also demonstrated that
the magnetized ICM creates magnetic draping layers
that can prevent the ISM from being stripped from the
disk. However, it is important to note that these studies
are based on an idealized setup without star formation
and stellar feedback, and the trend may be di↵erent in
a realistic setting, as we will show in this section.

3.1.1. Mass evolution of disk gas

Figure 3 displays the cold gas (HI+H2) column den-
sity of the RPS disks measured in a slab of 1 kpc thick-
ness crossing the galactic center in edge-on (two up-
per rows) and face-on directions (two lower rows). The
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Winds

50 kpc

300 kpc

B-field orientation 
in MHD winds



• Cold gas (HI+H2) in the disks in the face-on view (just after the winds arrival)


• Disk clouds are less fragmented and smoother in the MHD wind runs
no wind HD winds MHD winds

Jellyfish Galaxies in Magnetic Fields Jaehyun Lee et al.

Figure 3. Cold gas (HI+H2) column density in the edge-on (upper two rows) and face-on (bottom two rows) directions in the
�x = 1kpc slab crossing the center of stellar mass at t = 150 Myr, just after the disks encounter the winds. White arrows
indicate the direction of winds in the edge-on direction projections. Magnetized winds (wMHD) make disk and tail clouds less
clumpy, compared to the HD wind cases (wHD). The disks are smoothed while being stripped by the MHD winds.
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Figure 3. Cold gas (HI+H2) column density in the edge-on (upper two rows) and face-on (bottom two rows) directions in the
�x = 1kpc slab crossing the center of stellar mass at t = 150 Myr, just after the disks encounter the winds. White arrows
indicate the direction of winds in the edge-on direction projections. Magnetized winds (wMHD) make disk and tail clouds less
clumpy, compared to the HD wind cases (wHD). The disks are smoothed while being stripped by the MHD winds.
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• Cold gas (HI+H2) in the disks and near tails in the edge-on view (just after the winds arrival)


• Tail clouds are also less fragmented and smoother in the MHD wind runs

Cold gas 
(HI+H2)



• Disk gas stripping


• B-fields in disks do not appear to be as significant as those 
in the ICM for disk gas stripping


• Disk gas is stripped more by the MHD winds than the HD 
winds


• However, previous studies have shown the opposite

➡Magnetic draping layers suppress mixing, resulting in lower 

disk gas stripping

(e.g., Ruszkowski+14, Tonnessen+14, Ramos-Martínez+18)

Cold gas (HI+H2) in disks

The Astrophysical Journal, 784:75 (13pp), 2014 March 20 Ruszkowski et al.

Figure 1. Gas density projected along the line of sight (in log space). Left: MHD
case. Right: non-magnetic case. Both cases are for t = 0.7 Gyr. The difference
between tail morphologies in these two cases is striking.
(A color version of this figure is available in the online journal.)

our current work. The simulated steady-state internal magnetic
fields may also depend on other factors (e.g., the presence of
winds) that affect the relative strength of the global toroidal
and poloidal galactic field components in a differentially rotat-
ing galaxy. Thus, we decided to start with the simplest setup in
which the effect of the external fields can be simulated. A similar
approach was adopted by Pfrommer & Dursi (2010), who con-
sidered only uniform external fields and approximated galaxies
as nonrotating high density clouds. We extend their work by in-
cluding galactic rotation, hot galactic halo, radiative cooling, and
self gravity. We defer the investigation of the impact of internal
galactic fields on the RPS process to a future publication.

The simulations were performed on the Pleiades machine at
NASA Ames on 1024 processors. Main MHD runs required
∼200,000 CPU hours to advance to 0.7 Gyr per run, while their
hydro counterparts took roughly ∼50,000 CPU hours to reach
0.7 Gyr. Highest resolution runs used to infer the evolution of
stripping rate required ∼150,000 CPU and ∼60,000 CPU in
the MHD and hydro cases, respectively. In these runs, evolved
to ∼0.45 Gyr, the galactic disk was refined to the highest

maximum resolution and the mesh was progressively derefined
away from the disk, thus reducing the computational cost per
unit of simulation time.

3. RESULTS

3.1. Density Tail Morphology and Gas Stripping
Rates in MHD and Hydro Runs

Figure 1 shows the gas density projected along the line of
sight (y direction) 0.7 Gyr after the start of the wind. The left
panel corresponds to the MHD case and the right panel to the
non-magnetic case. Both panels correspond to the end stages in
the simulation and show the case of the galaxy oriented face-
on with respect to the ICM wind. The difference between tail
morphologies in these two cases is striking. While the purely
hydrodynamical case the tail is very clumpy, the MHD case
shows very filamentary structures. As a result of this large-scale
inhomogeneity in the MHD case, the surface density shows
more variation with the orientation of projection in the sense
that the number of filaments seen in projection depends on the
line of sight.

Figure 2 quantifies the amount of RPS of the galactic gas.
Shown as a function of time is the disk gas mass normalized
to its initial value. The mass in the disk is computed within
the region of width and depth equal to ∆x = 50 kpc, and
height ∆z = +/−6 kpc centered on the disk mid-plane, where
the galactic passive scalar values are greater than 0.25. The
disk gas mass is then obtained by integrating the gas density
multiplied by the passive scalar values in this volume. Solid and
dashed lines are for the MHD and hydro cases, respectively.
Thick lines in the left panel correspond to the higher resolution
cases. In the right panel, Case A corresponds to the magnetic
field in the incoming ICM wind B = [Bx, By, 0] and in Case
B, the field is B = [Bx,−By, 0], while the wind velocity
is always along the z direction. Figure 3 shows a schematic
sketch of the initial conditions as seen along the −z direction.
Note that, in this projection, the galactic spin vector has a −x
component and a +z component. In the hydrodynamical cases,
the prescription for calculating the retained mass leads to results
that are entirely independent of the passive fluid threshold as
long as it is less than ∼0.5. The MHD case is even less sensitive
to this threshold. We point out that threshold values close to
unity may underestimate the volume occupied by the galactic
gas, which in turn would lead to the overestimate of the amount

Figure 2. Left: time dependence of the galactic disk gas mass normalized to its initial value for face-on disk cases. Solid and dashed lines are for the MHD and
hydro cases, respectively. Thick lines correspond to the higher-resolution cases. Right: time dependence of the galactic disk gas mass normalized to its initial value
for tilted disk cases. Solid and dashed lines correspond to the MHD and hydro cases, respectively. In MHD Case A, the magnetic field in the incoming ICM wind is
B = [Bx, By, 0] and in Case B, the field is B = [Bx, −By, 0], while the wind is always along the z direction.
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• Magnetic draping layers always reduce the stripping rate of disk gas?


• Not the case for galaxies with star formation and cooling in this study


➡Stellar feedback makes disks turbulent and porous


➡Gas clouds are easily magnetized and puffed up, being more vulnerable to external perturbations

22 Jaehyun Lee et al.

Figure 23. Hydrogen column density of the static disks with no gas cooling and no star formation in the �x = 1kpc slab
crossing the center of stellar mass at t = 150 Myr, just after the disks encounter the strong (top row) and mild ram pressure
(1/10 of the strong case, middle and bottom rows). The top and middle rows are for the gas-rich disk and the bottom row is
for the disk with a normal gas fraction in the edge-on direction. The second and third columns are for non-magnetized and
magnetized (Bx = 1µG) winds, respectively. White arrows indicate the direction of winds. While clouds features are evidently
di↵erent between wHD and wMHD in Figure 3, such di↵erence is hardly seen here.

Disks with no cooling/SF
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Figure 3. Cold gas (HI+H2) column density in the edge-on (upper two rows) and face-on (bottom two rows) directions in the
�x = 1kpc slab crossing the center of stellar mass at t = 150 Myr, just after the disks encounter the winds. White arrows
indicate the direction of winds in the edge-on direction projections. Magnetized winds (wMHD) make disk and tail clouds less
clumpy, compared to the HD wind cases (wHD). The disks are smoothed while being stripped by the MHD winds.
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• RPS tail morphology


• Tail clouds are more fragmented and smoothed when the galaxies undergo the MHD winds



• RPS tail morphology


• Tail clouds are more fragmented and smoothed when the galaxies undergo the MHD winds
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Figure 10. Column densities of HI+H2 of the RPS galaxies at t = 300 Myr, or ⇠ 165Myr after the winds start to influence
the galaxies. Yellow and red contours show the distribution of entire disk stars and the stars younger than 20 Myr. Cold gas
tails are more di↵use with stronger disk and wind magnetic fields. Clumpy clouds are found in the distant tails when winds are
not magnetized, forming distant tail stars, as seen in Figure 12.

clouds look less clumpy and more widespread than the
wHD cases, probably leading to di↵erent tail star forming
features, too. However, no clear di↵erence is observed in
the tail features of the gB0 and gB1 galaxies. In this sec-
tion, we investigate the formation process of the jellyfish
features.

4.1. Tail Star Formation Activities

One can find many star-forming regions (red contours)
coincide with the heads of comet-like clumpy clouds in
the near tails, particularly in the MHD wind cases, in
Figure 10. We plot tail SFRs as a function of time in
Figure 11, along with the disk SFR evolution. In all the
cases, a substantial level of tail SF activities is observed.
The RPS tails show relatively higher peaks and earlier
decay of SFR history in wMHD, compared to wHD. In par-
ticular, the gB1 galaxy forms significantly large amount
of stars in its tail at t ⇠ 280Myr when it undergoes

the magnetized ram pressure. Another notable feature
is delayed or stretched star formation activities in the
tails of the wHD runs at t & 300Myr. The RPS tails are
defined by the cylindrical volume of raidus r < 12 kpc
and height z = 3� 150 kpc from the galactic mid-plane.
This necessitates to examine the spatial distribution of
new stars contributing to the tail SFR history.
Figure 12 displays the birthplace of stars in all the

simulated galaxies in a cylindrical coordinate system
for disks and tails. Stars form in distant tails (z ⇠
50�150 kpc) at the later epochs of the simulations when
the HD winds are imposed while tail stars mostly form
in near wakes in the wMHD runs. This figure well demon-
strates that the stretched star-forming activities of the
wHD cases in Figure 11 mainly occur in the distant tails.
The gB1 wHD galaxy shows the largest number of distant
tails stars among all the simulations and the gB1 wMHD

galaxy has considerably strong near tail star formation
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• Tail star formation (Tail - R<12kpc, z>3kpc)


• Stars form in the distant tail in the HD wind run

➡Plenty of warm ionized clouds form via mixing, which cool, collapse, and form stars in the distant tail


• Tail stars form only in the near wakes in the MHD wind run

➡Stripped clouds form many stars in the near tail, but gradually evaporate as they travel  
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